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Previously ...
Simplified Stellar Model
Stellar Evolution: from heavy stars (M > 8M�) to compact
objects.
Supernovae type IIa: Gravitational Collapse. 99% of the energy
is released in νs.
νs from the core (assisted by other mechanisms) resuscitate the
shock (no conclusive),
⇒ expelling the massive stellar mantle

See paper by Hammer, Janka, and Müller, ApJ 714 1371((2010) .
The ejected material by supernovae contains heavy elements.
Proto-neutron star shrinks because of the losses of neutrinos.
Left is a proto-neutron star.
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Supernovae Remnant ⇒ Neutron Star

type Ia supernovae. If it were not for radioactive heating, adiabatic
expansion of the debris would cool it to near invisibility in less than
an hour. Type Ia supernovae are about ten times less prevalent than
core-collapse supernovae, but yield about ten times as much iron,
are often more than ten times brighter at peak light, and are
spectacular sources of nuclear g-ray lines and continuum8. It is
with these bright supernovae that observers are now obtaining the
best and, perhaps, the most provocative information about the
geometry of the Universe.

Astronomers use observational, not theoretical, criteria to type
supernovae. A type I supernova (such as a type Ia) is one with no
hydrogen in its spectrum, while the spectrum of a type II supernova
has prominent hydrogen lines. The epochal supernova in the Large
Magellanic Cloud (LMC), SN1987A, was a core-collapse supernova,
because it exploded as a!15–20M! blue supergiantwith a radius of
!4 ! 107 km (ref. 9) and not as the canonical red supergiant with a

radius of !109 km; however, it was dimmer than a typical type II
and early relied on 56Ni to power its muted optical light curve. Yet
there is no reason to suspect that the explosion itself was not of the
common core-collapse variety. The light curve and spectrum of a
supernova reflect more its progenitor’s radius, chemical makeup,
and expansion velocities than the mechanism by which it exploded.
To the theorist, the achievement of the critical Chandrasekharmass
unites the types; the supernovamechanism is either by implosion to
nuclear densities and subsequent hydrodynamic ejection, or by
thermonuclear runaway and explosive incineration.
There is approximately one supernova explosion in the Universe

every second. In our galaxy, there is one supernova every !30–50
years and one type Ia supernova every !300 years. Supernova
hunters, peering deeply with only modest-aperture telescopes, can
now capture a dozen or so extragalactic supernovae per night,
mostly the bright type Ias. Approximately 200 supernova remnant
shells are known in theMilky Way and these are radio, optical, and
X-ray echoes of only the most recent galactic supernova explosions.
Within the last millennium, humans have witnessed and recorded
six supernovae in our galaxy (Table 1).

Supernovae from massive stars
A star’s first thermonuclear stage is the fusion of hydrogen into
helium in its hot core. With the exhaustion of core hydrogen, most
stars then proceed to shell hydrogen burning, and then to core
helium burning. The ashes of the latter are predominantly carbon
and oxygen and low-mass stars do not proceed beyond this stage.
However, stars withmasses from !8M! to !60–100M! (the upper
limit depending upon the heavy-element fraction at birth) proceed
to carbon burning, with mostly oxygen, neon, and magnesium as
ashes1,2. For starsmoremassive than !9–10M!, the ashes of carbon
burning achieve sufficient temperatures to ignite and they burn
predominantly to silicon, sulphur, calcium, and argon. Finally, these
products ignite to produce iron and its congener isotopes near the
peak of the nuclear binding energy curve. Fusion is exothermic only
for the assembly of lighter elements into elements up to the iron
group, not beyond. Hence, at the end of a massive star’s thermo-
nuclear life, it has an ‘onion-skin’ structure in which an iron or
oxygen–neon–magnesium core is nestedwithin shells comprised of
elements of progressively lower atomic weight at progressively
lower densities and temperatures. The outer zone consists of
unburned hydrogen and ‘primordial’ helium. A typical nesting is
Fe → Si → O → He → H. The oxygen in the ‘oxygen’ zone is the
major source of oxygen in the Universe, for little oxygen survives in
the ejecta of the rarer type Ia supernovae. These shells are not pure,
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Figure 1 The sequence of events in the collapse of a stellar core to a nascent neutron star.
It begins with a massive star with an ‘onion-skin’ structure, goes through white-dwarf core
implosion, to core bounce and shock-wave formation, to the protoneutron-star stage
before explosion, and finally to the cooling and isolated-neutron-star stage after
explosion. This figure is not to scale. The wavy arrows depict escaping neutrinos and the
straight arrows depict mass motion.

Table 1 Supernovae that have exploded in our Galaxy and the Large
Magellanic Cloud within the last millennium

Supernova Year (AD) Distance (kpc) Peak visual magnitude
.............................................................................................................................................................................
SN1006 1006 2.0 !9.0
Crab 1054 2.2 !4.0
SN1181 1181 8.0 ?
RX J0852-4642 !1300 !0.2 ?
Tycho 1572 7.0 !4.0
Kepler 1604 10.0 !3.0
Cas A !1680 3.4 !6.0?
SN1987A 1987 50 " 5 3.0
.............................................................................................................................................................................
These ‘historical’ supernovae are only a fraction of the total, because the majority were shrouded
from view by the dust that pervades the Milky Way. Thus, it is estimated that this historical cohort
represents only about 20% of the galactic supernovae that exploded since AD1000. Included are
SN1987A, which exploded not in the Milky Way but in the Large Magellanic Cloud (one of its
nearby satellite galaxies), RX J0852-4642 (ref. 77, ref. 11), a supernova remnant whose recent
(!AD1300) and very nearby birth went unrecorded, perhaps because it resides in the Southern
Hemisphere (but in fact for reasons that are as yet unknown), and Cas A, a supernova remnant that
was born in historical times, but whose fiery birth was accompanied by a muted visual display that
may have been recorded only in the ambiguous notes of the seventeenth-century astronomer John
Flamsteed (ref. 78). The distances and peak visual magnitudes quoted are guesses at best, except
for SN1987A. Astronomical magnitudes are logarithmic and are given by the formula MV ¼
#2:5log10ðbrightnessÞ þ constant. Hence, every factor of ten increase in brightness represents a
decrease in magnitude by 2.5. For comparison, the Moon is near !12magnitudes, Venus at peak is
!4.4 magnitudes, and good eyes can see down to about +6 magnitudes.

© 2000 Macmillan Magazines Ltd
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Neutron Star cooling
Weeks after the explosion, T ∼ 109 − 1010 K.

CV (Ti)
dTi
dt

= −Lν(Ti)−Lγ(Ts)+
∑
k

Hk

In 10 to 102 years heat is
transported by electrons into
the interior,
where it is radiated away in νs.
Ti 6= Ts.

CV =
4π

3
R3cvTi

Lν(Ti) =

∫
Qνdr

Lγ(Ts) = 4πR2σT 4
s

By then the star is in
thermal equilibrium.
Ti:=Internal temperature.
Ts:=Surface temperature.
Hk:=Heating mechanisms
(frictional heating of
superfluid neutrons in the
inner crust or exothermal
nuclear reactions.)

Qν := Neutrino emissivity
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Cooling Timescales
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!"#$%&'% ()*'+,-.# /001Red line is model of Modified Urca (slow cooling) by Yakovlev & Pethick (2004)
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ν cooling- emissivity
Qν := ν emissivity

Depends on specific reactions (microphysics).
In general two forms are found:

Q1
ν = Q1T

8
i

Q2
ν = Q2T

6
i

From where the ν luminosity is:

L1
ν =

4πR3

3
Q1T

8
i

L2
ν =

4πR3

3
Q2T

6
i
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In the ν - cooling era: Lν << Lγ
Neglect other processes (Hk ∼ 0).

CV (Ti)
dTi
dt

= −Lν(Ti) =

{
4πR3

3 Q1T
8
i

4πR3

3 Q2T
6
i

from where we find:

Ti ∼

{
t−1/6, for L1

ν

t−1/4, for L2
ν

L1
ν ⇒slow cooling.
L2
ν ⇒fast cooling.

But how to relate Ts and Ti?



Introduction Neutron Star cooling Cooling and Pairing Cooling and EoS A bit about Observations Neutron Star Structure Next

Ti and Ts
Assume a power law:

Ts = κenvT
1
2 +a
i

Here κenv and a depend
on the composition of
the envelope.
It has been found
a << 1 for most of the
proposed compositions.
Then from previous
slide:

Ts ∼

{
t−1/12, for L1

ν

t−1/8, for L2
ν

 

 

 

 

    

T s

t

QsTi
8

QfTi
6
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ν emission processes
At high densities
Name Process Qν [erg/cm3s] Lν [erg/s]
Dir. Urca n→ p+ e+ ν̄e ' 1027T 6

9 1046T 6
9

p+ e→ n+ νe
Quark Urca d→ u+ e+ ν̄e ' 1026αcT 6

9 1041−42T 6
9

u+ e→ d+ νe
Kaon Condensate n+K− → n+ e+ ν̄e ' 1024T 6

9 1042T 6
9

n+ e→ n+K− + νe
Pion condensate n+ π− → n+ e+ ν̄e ' 1026T 6

9 1044T 6
9

n+ e→ n+ π− + νe

At any density
Name Process Qν [erg/cm3s] Lν [erg/s]
Mod. Urca n+ n′ → n′ + p+ e+ ν̄e ' 1020T 8

9 1040T 8
9

p+ e+ n′ → n′ + n+ νe
Bremsstrahlung N +N → N +N + ν` + ν̄` ' 1020T 8

9 1038T 8
9

Tn =
T

10nK
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Checking the Urcas
Direct Urca
n→ p+ e+ ν̄e
p+ e→ n+ νe

Effectively:
n→ n+ νe + ν̄e

Charge Neutrality
Since gravitational attraction should
win against Coulomb repulsion:

Ze2

R
≤
G(Amb)m

R

Then net charge number:

Z ≤
{

10−39A, electron added
10−36A, proton added

Composition does not
change, Ye = const.
np = ne ( charge
neutrality).
But if np is too small since:
pp = (3π2np)

1/3

⇒ pp & pe, are too small.
Direct Urca could only
occur at high densities.
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Conditions for Direct Urca
np = Yenb and nn = (1− Ye)nb

⇒ Can produce neutrons if
pp + pe > pn

pe + pp = 2pp
pp = (3π2Yenb)

1/3 and
pn = (3π2(1− Ye)nb)

1/3

Ye >
1/9 and ne > nn/8

Then Direct Urca is limited
to happen at high densities,
nb > 2n0.
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Standard cooling scenario
-Slow cooling

νs from modified Urca:
n+N → p+N + e+ ν̄e
p+N + e→ n+N + νe
Extra nucleon is needed to
conserve momentum.
T decreases gradually.
Assume direct Urca can not
happen, then neutron star
should be observable for
∼ 106 years.

Accelerated cooling
scenario

νs from direct Urca:
n→ p+ e+ ν̄e
p+ e→ n+ νe
ρc ∼ 1015g/cm3 or exotic
composition.
T ' 5× 106K by 102 years.
(Sharp drop in T ).
Exotics or high density
where Yp >1 /9

If M > 1.35M�, it allows Urca
processes.
But M < 1.35M�, it undergoes
standard cooling.
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Assuming modified Urca (Standard cooling
scenario):

1 ν emission dominates for 105y.

Lν ∼ 5.3× 1039 erg
s

M

M�

(
ρ0

ρ

)1/3

T 8
9

2 Bremsstrahlung from the crust
dominates after 105y:

Lγ ∼ 5× 1039 erg
s

Mcrust

M�

(
ρ0

ρ

)1/3

T 6
9

3 γ cooling dominates (X-rays)

Tn =
T

10nK

ρ0 := nuclear saturation density
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Pairing
Star is cooling, at some point T ∼ Tc ⇒ Can form Cooper pairs.

Pairing mechanism
Process Qν [erg/cm3s]
n+ n→ [nn] + ν + ν̄ ' 1021T 7

9

p+ p→ [pp] + ν + ν̄ ' 1019T 7
9

Note that breaking pairs can make νs too.
Location of Tc change cooling, e.g. if Tc is large ⇒ fast cooling to
moderate cooling.
At some point when T is too low, ν emissions from pairing is
suppressed.
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Cooling including pairing
Cooling scenarios are affected by superfluidity.
Once the breaking of pairs starts, Lν increases.

Excitations of the
superfluid: Breaking
of Cooper pairs
(PBF).
Does not need K or
π condensation.
Once T < Tc
excitations are
suppressed by
e−∆/T .

But ∆ and Tc are
unknowns. Dany Page                                                        Neutron Star Cooling                                                U. Arizona, 18 Nov. 2010

Basic effects of pairing on the cooling

30

 With pairing but no PBF 

 With pairing (and PBF) 

 Without pairing 

Thursday, November 18, 2010D. Page (2010), Voskresensky, et al. (1986)
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Mass and Cooling

Dany Page                                                        Neutron Star Cooling                                                U. Arizona, 18 Nov. 2010 12

Direct vs modified Urca cooling

Models based on the PAL EOS:

adjusted (by hand) so that 
DURCA becomes allowed 
(triangle rule !) at M > 1.35 MSun.

SLOW

FAST

This value is arbitrary: 
we DO NOT know the value of 
this critical mass, and hopefully 
observations will, some day, tell 
us what it is !

“The Cooling of Neutron Stars by the Direct Urca Process”, Page & Applegate, ApJ 394, L17 (1992)

GR models, solving 
numerically the energy 
balance and heat transport 
equations, with lots of 
microphysics involved.

Thursday, November 18, 2010

Shape is important, threshold mass is unknown. Direct Urca simulations by Page &

Applegate (1992)
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Cooling compilation
− Simulations excluding Superfluidity
− Simulations including Superfluidity
− Direct Urca including Superfluidity

ter quantities, and Teff,!, are redshifted from
the neutron star surface, where the redshift is
z " (1 # 2GM/Rc2)#1 # 1. For example,
Teff,! " Teff/(1 $ z) and F! " F/(1 $ z)2. As
a result, the so-called radiation radius R!, a
quantity that can be estimated if F!, Teff,!,
and d are known, is defined to be R! " R(1 $
z). R! is a function of the mass and radius of
the neutron star, but if redshift information is
available, perhaps from spectral lines, M and
R could be separately determined. Indeed,
observation of spectral lines has been report-
ed from 1E 1207.4-5209 (48) and EXO 0748-
676 (49), but the identifications of the lines
are controversial (50), with redshifts ranging
from 0.12 to 0.35.

A serious hurdle in the attempt to deter-
mine R! and Teff,! is the fact that neutron
stars are not blackbodies (51, 52). The
star’s atmosphere rearranges the spectral
distribution of emitted radiation. Although
models of neutron star atmospheres for a
variety of compositions have been con-
structed, these are mostly limited to non-
magnetized atmospheres. Pulsars, however,
are thought to have magnetic field strengths
on the order of 1012 G or greater (44 ). The
behavior of strongly magnetized hydrogen
is relatively simple, but models of magne-
tized heavy-element atmospheres are still
in a state of infancy (53).

A useful constraint on models is provided
by a few cases in which the neutron star is
sufficiently close to Earth for optical thermal
emission to be detected (distinguished by
green boxes in Fig. 4). These stars have
optical fluxes several times less than what a
blackbody extrapolation from the observed
x-rays into the Rayleigh-Jeans optical domain
would imply. This optical deficit is a natural
consequence of the neutron star atmosphere
and results in an inferred R! greater than that
deduced from a blackbody. In most cases, a
heavy-element atmosphere adequately fits the
global spectral distributions from x-ray to
optical energies while also yielding neutron
star radii in a plausible range. However, the
observed absence of narrow spectral features,
predicted by heavy-element atmosphere mod-
els, is puzzling (54, 55). The explanation
could lie with broadening or elimination of
spectral features caused by intense magnetic
fields or high pressures.

Radius estimates from isolated neutron
stars, while falling into a plausible range, are
also hampered by distance uncertainties. Pul-
sar distances can be estimated by dispersion
measures (44), but these have uncertainties of
50% or more. In a few cases, such as Gem-
inga (56), RX J185635-3754 (57, 58) and
PSR B0656$14 (59), parallax distances have
been obtained, but errors are still large.

The recent discovery of thermal radiation
from quiescent x-ray bursters (involving neu-
tron stars in binaries) in globular clusters is

particularly exciting. At first glance, it seems
strange that neutron stars in globular clusters,
which are on the order of 10 billion years old,
could be hot enough to emit observable ther-
mal radiation. However, it is believed that
recent episodes of mass accretion from their
companions have been a literal fountain of
youth, replenishing their reservoir of thermal
energy (60). The measurements of radii from
these stars might become relatively precise,
especially if the distances to the globular
clusters in which they are found can be re-
fined. Values of R! in the range of 13 to 16
km have been estimated from the quiescent
x-ray sources in the globular clusters NGC
5139 and 47 Tuc (61, 62).

Theoretical cooling curves can be com-
pared to observations if ages for the thermally
emitting neutron stars can be estimated (Fig.
4). The best-determined ages are those for
which dynamical information, such as ob-
served space velocities coupled with a known
birthplace, is available. Characteristic spin-
down ages estimated from pulsar periods P
and spin-down rates Ṗ using %s " P/2Ṗ (44)
are less reliable. In the cases in which both
kinds of age estimates are available, they are
generally discrepant by factors of 2 to 3.

Theoretical cooling tracks, for a variety of
mass, radius, and superfluid properties, are rela-
tively narrowly confined as long as enhanced
cooling does not occur (43). These tracks are

mostly sensitive to envelope composition. When
enhanced cooling is considered, cooling tracks
fall in a much wider range (Fig. 4). Although
most observed stars are consistent with the stan-
dard cooling scenario, a few cases, espcially PSR
J0205$6449 in 3C58 for which only upper lim-
its to temperature and luminosity exist (63), may
suggest enhanced cooling. Uncertainties in esti-
mated temperature and ages have precluded de-
finitive restrictions on EOSs or superfluid prop-
erties from being made.

Glitches. Pulsars provide several sources
of information concerning neutron star prop-
erties. The fastest spinning pulsars yield con-
straints on neutron star radii. Ages and mag-
netic field strengths can be estimated from P
and Ṗ measurements. Another rich source of
data are pulsar glitches, the occasional dis-
ruption of the otherwise regular pulses (44).
Although the origin of glitches is unknown,
their magnitudes and stochastic behavior sug-
gest they are global phenomena (64). The
leading glitch model involves angular mo-
mentum transfer in the crust from the super-
fluid to the normal component (33). Both are
spinning, but the normal crust is decelerated
by the pulsar’s magnetic dipole radiation.
The superfluid is weakly coupled with the
normal matter, and its rotation rate is not
diminished. But when the difference in spin
rates becomes too large, something breaks
and the spin rates are brought into closer

Fig. 4.Observational estimates of neutron star temperatures and ages together with theoretical cooling
simulations for M " 1.4 MJ. Models (solid and dashed curves) and data with uncertainties (boxes) are
described in (43). The green error boxes indicate sources from which thermal optical emissions have
been observed in addition to thermal x-rays. Simulations with Fe (H) envelopes are displayed by solid
(dashed) curves; those including (excluding) the effects of superfluidity are in red (blue). The upper four
curves include cooling from modified Urca processes only; the lower two curves allow cooling with
direct Urca processes and neglect the effects of superfluidity. Models forbidding direct Urca
processes are relatively independent of M and superfluid properties. The yellow region encom-
passes cooling curves for models with direct Urca cooling including superfluidity.

P U L S A R S

23 APRIL 2004 VOL 304 SCIENCE www.sciencemag.org540
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Urca casino in Rio de Janeiro

Boring!
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Cooling and Equation of State
Cooling depends on Cv and Qν , which depend on the structure
and composition of the star (on the Equation of State).
The Equation of State (EoS) is particularly important in the case
of middle age stars. These are the neutrino cooling years.
Yp(nb) determined by the nuclear interaction, it is related to
Isospin dependence
⇒ interaction with stronger Isospin dependence could make Yp
higher at lower densities.
Direct Urca could be possible even if there is not exotic matter
⇒ (Fast cooling 6= Exotic matter).



Introduction Neutron Star cooling Cooling and Pairing Cooling and EoS A bit about Observations Neutron Star Structure Next

Direct Urca and Yp

A Nuclear Model
Consider a nucleon-nucleon
interaction.
Reproduce masses of nuclei
(physics at earth densities).
Reproduce nuclear matter
constrains (binding energy
at saturation density, etc.)
Isospin dependence can
varies.

Nuclear Matter, Yp = 1
2

Sat. Density n0 0.148 fm−3

Binding Energy E
A (n0) −16.3 MeV

Compressibility K 271.7 MeV

Effective Mass M∗

M (n0) 0.60
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Neutron Skin: δR = Rn −Rp

208Pb
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Nuclei with more
neutrons than
protons (Yp < 1/2)
have a δR.
Different Nuclear
models (and
parametrizations)
predict different δR
V δR depends on
the Isospin
dependence.
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Construct an EoS for neutron-rich matter

For neutron stars at nb > n0:
n↔ p+ e− + ν̄e ⇐⇒ µn = µn + µe

e− ↔ µ− + νe + ν̄µ ⇐⇒ µe = µµ

Charge neutrality ⇐⇒ np = ne + nµ

Direct Urca condition ⇐⇒ pp + pe ≥ pn.

Threshold density for D. Urca, nURCA, defined by:

pp + pe = pn
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URCA critical density and δR of 208Pb

Using RMF, Horowitz and Piekarewicz, PRC 66,055803 (2002)
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Composition after saturation density

Using RMF, Horowitz and Piekarewicz, PRC 66,055803 (2002)



Introduction Neutron Star cooling Cooling and Pairing Cooling and EoS A bit about Observations Neutron Star Structure Next

Correlation between the interaction, the
δR, and nURCA:

δR & 0.25 fm ⇒ D. Urca is likely.
δR . 0.2 fm ⇒ D. Urca is unlikely.

The larger the neutron skin, the lowest
the threshold density for direct Urca.
Parity Radius Experiment (PREX) at
Jeferson Lab: elastic e+208Pb scattering
aimed to measure δR can constrain the
isospin dependence of the nuclear
interaction.
Note that this process is a electroweak
process (γ and Z0 exchange)
⇒ nuclear model independent.

Then the extrapolation to Neutron-Rich
matter could be reliable.

P-REX
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Then how does N.S.s cool?
Until now all cooling models can reproduce the observations.
Superfluidity is important to understand cooling processes.
Envelope composition is assumed to be dominated either by
heavy elements or by light elements (unknown really). ⇒ No
narrow spectral lines are observed.
If assume a heavy elements atmosphere, fits well for stars older
than 105yr.
If assume a light elements atmosphere, fits well for stars younger
than 105yr.
For very massive neutron stars, accelerated cooling is favoured
(No conclusive).
New observations of extremely hot and extremely cold neutron
stars are needed.
Currently, can not constrain more EoSs from cooling observations
due to uncertainties on T and age.
If from PREX D. Urca cooling is ruled out, then observations of
enhanced cooling (fast cooling) would imply the existence of
exotic states of matter at the core of neutron stars.
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NS. vs. Manhatan

Wondering about dinner?
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Coming soon...

Pairing in nuclear matter (Wim).
Dispersive Optical Model (Seth).
EoS and TOV equations (Me).
Colour superconductivity and exotic matter in Neutron Stars
(Simin).
Pulsars, glitches, and gravitational waves from Neutron Starts
(Kai).
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